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Astrophysical Observation 

Astro-structure, hydrodynamics, transport  

Nuclear Scattering and Structure Experiments 
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Phenomena sensitive to the symmetry energy:  

• Neutron star radius
• Neutron star cooling 
• Symmetry energy in Supernova  



Nuclear Many Body Theory

Computational Methods: 
Quantum Monte Carlo

Diagrammatic Methods

E(ρn, ρp) : Energy per particle

Chiral potentials and  softer low 
energy  potentials obtained using 
RG.

Phenomenological potentials 
(Argonne etc) tuned to fit 
scattering and light nuclei. 
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Figure 2: Mass-Radius relation for equations of state with three-neutron interactions corre-
sponding to the bands for different Esym shown in Fig. 1. The intersection with the orange
lines show roughly the central densities realized in stars with different masses and radii. The
dot-dashed lines show the masses of typical neutron star with M= 1.4 Msolar and the recently
observed mass of neutron star of Ref. (1). The yellow region is excluded by the causality con-
straint on the equation of state.

the estimated error in the prediction for the neutron star radius with a canonical mass of 1.4

Msolar. The error due to the current uncertainty in the symmetry energy of ±2 MeV leads to

an uncertainty of about 3 km for the radius, while the error due to uncertainties in the short-

distance structure of the 3n force predicts a radius uncertainty of less than 1 km. The blue

band corresponds to the band of equations of state shown in Fig. 1 with same color. They all

correspond to Esym = 33.7 MeV. Similarly the green band corresponds to the green band of

equations of state shown in Fig. 1 with Esym = 32.0 MeV. The red curve is the prediction for

neutron star mass and radius obtained without 3n interaction and the black curve is one for

which the 3n is very strong with Esym = 35.1 MeV corresponding to the original Urbana IX 3n

force.
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Neutron Star Radius and Symmetry Energy  

 



INTERPRETING RADII
• Strong correlation between L and RNS in most models of the 

neutron matter equation of state. Interesting connection to 
the 3-neutron force in ab intio calculations.     

• Still much work needs to be done to understand the errors 
associated with the extrapolation to supra nuclear density. 
Chiral EFT 3n interactions will help in this regard. 

• Astrophysical constraints of neutron stars have several  
systematic errors that need to be addressed.     



Neutron Star Cooling
Crust cools by conduction

Isothermal core cools 
by neutrino emission

Surface photon emission dominates 
at late time t > 106 yrs

n → p + e− + ν̄e

e− + p → n + νe

n + n → n + p + e− + ν̄e

e− + p + n → n + n + νe

Basic neutrino reactions:

Fast: Direct URCA

Slow: Modified URCA

�̇ν |ρ=ρo � 1025 T 6
9

ergs
cm3 s

�̇ν |ρ=ρo � 1022 T 8
9

ergs
cm3 s

40 Page & Reddy

cooling is driven by neutrino emission from the core of the star when its tem-
perature is above 107 ! 108 K or 1 ! 10 keV. The time scale for cooling can be
estimated in terms of two key microscopic ingredients, namely the neutrino lumi-
nosity, L! , and the total specific heat, Cv, supplemented by the surface photon
luminosity, L" , from a simple energy balance consideration as follows

dEth

dt
= Cv

dT

dt
= !L! ! L" , (26)

where Eth is the thermal energy content of the star. For a degenerate Fermi
system, the specific heat Cv is linear in T , i.e., Cv " C ·T , where the constant C
depends on the details of the star’s structure. The neutrino luminosities can be
split, in a first approximation, into fast or slow processes and can be written as
Lfast

! " N f · T 6 or Lslow
! " N s · T 8 , respectively. Finally, L" # T 4

e and because,
very roughly, Te # T 1/2, one can also write L" " S · T 2. Owing to their very
di!erent T dependences, at early times L! $ L" , whereas when T is su"ciently
low the converse is true. From Equation 26, the two neutrino cooling time scales
for fast and slow neutrino emission are

! fast
! =

C

4N fT 4
%

4 minutes

T 4
9

(27)

and

! slow
! =

C

6N sT 6
%

6 months

T 6
9

, (28)

respectively. In obtaining the approximate numerical estimates (4 minutes and
6 months) we have used typical values of the constants C, N f , and N s, which
are characteristic of degenerate dense hadronic matter (31). For fast cooling,
L! dominates L" until T & 106 K, whereas for slow cooling this happens when
T & 108 K. Coincidentally, in both cases this turns out to occur at ages of the
order of 105 years.

In general, exotic phases almost invariably result in fast neutrino emission (the
CFL phase is the only known exception), and detection of a fast-cooling neutron
star would be an argument in favor of the presence of one of these phases. How-
ever, because nuclear matter with a high enough proton fraction also results in
fast neutrino emission through the nucleon direct URCA process, such a detec-
tion would only be an indication and not proof of one of these phases. Moreover,
because pairing results in a strong suppression of the neutrino emissivity of all
processes in which the paired component participates, an exotic phase may be
present and may not manifest in the thermal evolution of the star. We illustrate
these considerations in Figure 16, in which the time evolution of the thermal lu-
minosity L! of a model neutron star for the case of the slow “standard” cooling
from the modified URCA process is compared with three di!erent fast neutrino
emission processes. Each scenario is presented in two forms, one in which neu-
trons are normal and one in which where they are assumed to be superfluid in
the whole core. The occurrence of fast cooling leads to thermal luminosities, at
ages & 102–105 yrs, which are about three orders of magnitude lower than in
“standard” cooling. However, when the suppression of the neutrino emissivity
by pairing is taken into account, the di!erences can be much smaller. Higher
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Cooling and Symmetry Energy
Neutron decay at the Fermi 
surface cannot conserve 
momentum if
 xp ~ (pFp /pFn )3 < 0.12-14

• In the standard scenario only 
massive stars (M ~ 2 M✪ ) cool 
rapidly. 

pFn

pFp pFe T

Yakovlev & Pethick (2004) 



Cooling and Symmetry Energy
Neutron decay at the Fermi 
surface cannot conserve 
momentum if
 xp ~ (pFp /pFn )3 < 0.12-14

• In the standard scenario only 
massive stars (M ~ 2 M✪ ) cool 
rapidly. 

pFn

pFp pFe T

Yakovlev & Pethick (2004) 

• A large symmetry energy will 
allow direct URCA for typical NS 
(M ~ 1.4 M✪ ) .  
•  Recall large symmetry energy 
also favors large radii.



Neutron Star Cooling
Page et al. (2005) 

Slow Cooling

Rapid
Cooling

Slow Cooling:
 n + n → n + p + e- + νe

Rapid Cooling:
n →   p + e- + νe
X →   Y + e- + νe

Needs high (>10%)
Proton fraction or
a phase transition

Standard
Scenario

•Most neutron stars compatible with slow cooling. 
•Notable exceptions exist. 



Cooling in Accreting Stars

During accretion 
heating will heat up 
the core. 
Core temperature 
set by balance 
between heating and 
neutrino cooling. 



Rutledge (2004) Yakovlev (2006) Heinke (2007) 

Quiescent emission
after periods of
bursting in accreting
neutron stars (SXRT)

Slow Cooling

Rapid
Cooling

Cooling in Accreting Stars

During accretion 
heating will heat up 
the core. 
Core temperature 
set by balance 
between heating and 
neutrino cooling. 



INTERPRETING COOLING

• The vast majority of neutron stars are cooling slowly, but 
this does not imply that the proton fraction is small. 
Neutron and proton superfluidity can suppress the 
neutrino emission rates. 

•No correlation between mass and cooling has yet been 
established.  

•Difficult to draw definitive insights on the symmetry 
energy. 



Symmetry Energy and Supernova Neutrinos 
 

1500 km

3X107 km
10 km

Core collapse
tcollapse ~100 ms

Hot & dense
Proto-neutron
Star: t~1-2 s

Shock wave
Eshock~1051ergs

100 km

Neutrinos carry 
away 
~ 3 x 1053 ergs

Neutrino flavor and 
energy distribution 
can impact 
explosion 
mechanism and r-
process 
nucleosynthesis. 



Modeling PNS evolution with different EoS. 

Convection is driven by 
composition gradients. 

Different EoS could have 
distinct convective 
instabilities.  

neutrino 
diffusion

convection

Heat transport :  Neutrino diffusion + convection 

τdiff � R2

c λν
≈ 3− 5 s

Neutrino Diffusion:

Convection:
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FIG. 1: The symmetry energy as function of density for the
IU-FSU and GM3 EoSs. Inset: n0E!

sym versus Esym at nuclear
saturation density, for IU-FSU (circle), GM3 (square), and
QMC (diamonds). The shaded regions correspond to various
experimental constraints taken from Ref. [29].

However, more recent two dimensional studies have found
no evidence of these doubly di!usive instabilities [2, 5].
Due to this and the increased complexity of treating the
doubly di!usive instabilities, we do not include them in
our models.

The e!ect of strong interactions on the EoS and the
neutrino interaction rates are modeled using a rela-
tivistic mean field (RMF) model for nuclear interac-
tions. We adopt a non-linear generalization of the orig-
inal Walecka model described in [8]. Here, the non-
perturbative nucleon-nucleon interactions are solved in
the mean field approximation using e!ective interactions,
which are tuned to reproduce the gross observed prop-
erties of nuclei and ab-intio calculations of low density
neutron matter[10]. Although empirical constraints and
ab-initio calculations provide valuable guidance to con-
strain some aspects of the symmetric nuclear equation of
state at nuclear densities, there are few constraints on
the properties of denser neutron-rich matter. This dif-
ference between the energies of symmetric matter (equal
numbers of neutrons and protons) and neutron matter is
called the symmetry energy, Esym(nB), is defined by the
relation E(nB, xp) = E(nB, xp = 1/2)+Esym(nB)!2+· · ·.
Here, ! = (1!2xp) and E(nB, xp) is the energy per parti-
cle of uniform matter composed of neutrons and protons
with baryon density nB and proton fraction xp. In charge
neutral matter xp = Ye where Ye is the electron fraction.
Quite generically, the contribution of higher terms in the
! expansion are relatively small even at xp " 0.

Recent work has shown that derivative of the symme-
try energy with respect to density denoted as E!

sym =
"Esym/"nB plays a crucial role both in the terrestrial
context where it a!ects the neutron density distribution
in neutron-rich nuclei and in astrophysics where it a!ects
the structure and thermal evolution of neutron stars (for
a recent review see Ref. [28]). The pressure of neutron

matter at saturation density, Pneutron(n0) = n2
0E

!
sym, in-

fluences the radius of cold neutron stars [19]. In neutron-
rich nuclei, the neutron-skin thickness is also sensitive to
E!

sym(#0), so that there exists a linear correlation between
the neutron-skin thickness and neutron star radius [12].
Here we demonstrate for the first time that E!

sym(#0)
plays a role in stabilizing the convection at late times
and thereby directly e!ects the neutrino signal. Clearly
$s and $nB will always be positive, so that negative en-
tropy gradients will cause instability. In contrast the sign
and magnitude of $YL is determined by the density de-
pendence of the nuclear asymmetry energy, so that nega-
tive gradients in lepton number can be either stabilizing
or destabilizing. To clarify this we note that at T = 0 and
when the neutrino contribution to the pressure is small

!
"P

"YL

"

nB

" n4/3
B Y 1/3

e ! 4n2
BE!

sym(1 ! 2Ye). (2)

The first term comes from the electron contribution to
the pressure, while the second term is due to nucleons
and is negative since both the Fermi and interaction en-
ergies favor a symmetric state. For high densities and
low electron fractions, for realistic values of E!

sym, this
leads to negative $YL . Therefore, a larger E!

sym leads to
negative lepton gradients in the PNS providing a larger
stabilizing influence.

To study the sensitivity of PNS evolution to the nu-
clear symmetry energy we employ two RMF models with
di!erent predictions for E!

sym(#0). The IU-FSU param-
eter set has a compressibility Ksym(n0) = 231.2 MeV, a
nuclear asymmetry energy Esym(n0) = 33.4 MeV, and
n0E!

sym(n0) = 17.4 MeV. The second EoS employed is
the GM3 parameter set, where non-linear coupling of
the vector meson fields are neglected [11]. This EoS
has Ksym(n0) = 240 MeV, Esym(n0) = 34.6 MeV, and
n0E!

sym(n0) = 32 MeV at nuclear density. The symme-
try energy as a function of density is shown in figure 1
for the two EoS. The inset in Fig. 1 shows current the-
oretical estimates and experimental constraints on Esym

and E!
sym at nuclear saturation density.

Medium modification of the neutrino interaction rates
also influence PNS evolution. These e!ects have been
investigated in earlier work where neutrino scattering
and absorption rates on nucleons and leptons were calcu-
lated within the relativistic random phase approximation
(RPA) [27]. Here, the e!ects of due strong and electro-
magnetic correlations, degeneracy, and relativistic cur-
rents are included in a similar way. Further, the e!ective
interactions we employ in the RPA are obtained from the
same underlying model for the EoS to ensure that corre-
lation functions which determine the neutrino scattering
kernels satisfy the generalized compressibility sum-rules
consistent with the EoS. Because the axial portion of
the response accounts for the majority of the neutrino
scattering cross-section, the presence of an axial inter-
action can strongly a!ect the total neutrino mean free

Modeling PNS evolution with different EoS. 
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densities, we have selected to fix the maximum neutron star mass. Of course, the maximum neutron star mass selected
for the fit must at least be equal to the largest—well measured—mass determined from observation [11].

In principle, other choices are possible to guide these extrapolations. For example, laboratory experiments with
heavy ions have played a critical role in probing the nuclear equation of state. By tuning the energy of the colliding
beams and the neutron-proton asymmetry, heavy-ion collisions probe vast regions of the phase diagram. In particular,
isospin diffusion data may be used to constrain the density dependence of the symmetry energy [12–14]. This could be
used instead of the neutron radius in 208Pb. Moreover, experiments with very energetic heavy ions have compressed
nuclear matter to densities in excess of four times nuclear matter saturation density [15]. The determination of the
pressure of symmetric nuclear matter at these high densities may be used instead of the maximum neutron star mass.
However, not only is the interpretation of heavy-ion data model dependent, but heavy-ion systems are much less
neutron rich and often much hotter than neutron stars. This introduces large and uncontrolled uncertainties.

Neutron star radii as a function of mass—the so-called Mass-vs-Radius relationship—provides critical information
on the equation of state of neutron-rich matter at high densities. Yet, the simultaneous determination of both the
mass and radius of a neutron star is difficult. However, tremendous advances in X-ray astronomy have produced large
amounts of high quality data that have allowed the simultaneous determination of both masses, radii, and the underly-
ing equation of state [16, 17]. Unfortunately, neutron star radii inferred from X-ray observations of the luminosity and
temperature are sensitive to models of the stellar atmosphere (see Ref. [18] and references therein). Moreover, mass
and radius determination from X-ray burst (as in Ref. [16]) may be hindered by systematic uncertainties [17]. For
example Ozel, Baym, and Güver inferred very small stellar radii from their recent analysis of three X-ray bursts [16],
while Steiner, Lattimer, and Brown extracted neutron star radii significantly larger (of the order of 12 km) [17]. Still,
we believe that such studies will eventually become instrumental in constraining the dense matter equation of state.

In the past, we have studied correlation between the neutron skin of 208Pb and the non-uniform solid crust of a
neutron star [3]. For models with a stiff equation of state, namely, one where the pressure increases rapidly with
density, it is energetically unfavorable to separate uniform nuclear matter into regions of high and low densities.
Thus, models with a stiff equation of state predict low transition densities from non-uniform to uniform neutron-rich
matter. The neutron skin thickness in 208Pb also depends on the equation of state of neutron-rich matter: the stiffer
the equation of state the thicker the neutron skin. Thus, an inverse relationship was established: the thicker the
neutron skin of a heavy nucleus, the lower the transition from non-uniform to uniform neutron-rich matter. This
represents one of the many examples that show the utility of constraining the neutron skin thickness in 208Pb—and
consequently the effective interaction—for astrophysical applications.

Many relativistic effective interactions exist. For example, the NL3 interaction [19, 20] provides an excellent
description of the binding energy and charge radii of many nuclei throughout the periodic table. When extrapolated
to the neutron-star domain, the NL3 effective interaction predicts a very stiff equation of state that generates both
large stellar radii and a large maximum neutron star mass. On the other hand, the FSUGold (or FSU for short)
interaction [21] also provides a good description of closed shell nuclei, but predicts a significantly softer equation
of state. Indeed, whereas NL3 predicts a maximum neutron star mass of 2.78 M⊙, the FSU interaction predicts
a limiting mass almost one full solar mass smaller (of 1.72 M⊙). The softer equation of state emerges as one
incorporates constraints from giant resonances and heavy-ion collisions. At present, we are not aware of any nuclear
effective interaction that also incorporates astrophysical constraints in the calibration procedure. It is the aim of the
present manuscript to obtain a new effective interaction that improves on both NL3 and FSU by incorporating some
of the recent constraints suggested by Steiner, Lattimer, and Brown [17]. In particular, we will show that the EOS
predicted by the new model generates a limiting neutron star mass intermediate between NL3 and FSU but stellar
radii smaller than both.

We have organized our article as follows. In Section II we describe details of the fitting procedure and present
results for several ground-state properties of closed shell nuclei. Next, we show in Section III how the new effective
interaction reproduces the properties of various nuclear collective modes. Predictions for the equation of state and
for various properties of neutron stars are presented in Section IV. Finally, we conclude in Section V.

II. RELATIVISTIC EFFECTIVE FIELD THEORY

Our starting point will be the relativistic effective-field theory of Ref. [22] supplemented with an isoscalar-isovector
coupling as introduced in Ref. [3]. The interacting Lagrangian density for this model is given by [3, 22]

Lint = ψ̄
�
gsφ−

�
gvVµ+

gρ
2
τ · bµ+

e

2
(1+τ3)Aµ

�
γµ

�
ψ

− κ

3!
(gsφ)

3− λ

4!
(gsφ)

4+
ζ

4!
g4v(VµV

µ)2 + Λvg
2
ρ bµ · bµg2vVνV

ν . (1)

• At finite 
temperature only 
mean field 
calculations exist. 
• Can tune 
parameters to 
mimic different 
symmetry energies.   



•Protoneutron 
star evolution 
time scale is set 
by neutrino 
diffusion and 
convection. 
•It is imprinted 
on the temporal 
structure of the 
neutrino signal - 
tomography ?
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FIG. 2: Evolution of the entropy (top panels) and lepton frac-
tion (bottom panels) in a 1.6M! rest mass PNS for the GM3
EoS (left panels) and the IU-FSU EoS (right panels). The
grayed regions are convectively unstable. The labels corre-
spond to the model times in seconds.

path. To take this into account, we introduce an e!ec-
tive short-range interaction in the spin channel through
the Migdal parameter, g! [18]. The strength of this inter-
action is tuned to reproduce the spin-suscpetibitly of neu-
tron matter obtained from microscopic calculations [7].
For densities above nuclear saturation, the RPA causes a
significant enhancement of the mean free path relative to
the mean field approximation due to the repulsive nature
of the nuclear interaction at high density. This should be
considered as only a first approximation to the actual
response of the nuclear medium, as we only include sin-
gle particle-hole excitations and it has been shown that
multi-particle-hole excitations may be important in de-
termining the axial current component of the neutrino
opacity [21].

We now consider the evolution of the internal structure
of the PNS with convection and varying prescriptions for
the opacities. In figure 2, the evolution of the entropy
and electron fraction for the two equations of state are
shown. Over the first second in both models, convection
smoothes the entropy and lepton gradients in the outer
regions to a state close to neutral buoyancy. GM3 has
a slightly steeper entropy gradient because of its larger
E!

sym than IU-FSU. This results in a slightly larger neu-
trino luminosity at early times for GM3. As time pro-
gresses, convection steadily digs deeper into the core of
the PNS. For both EoSs, convection proceeds all the way
to the core by 15 seconds into the simulation, but it lasts
in the interior regions for a much longer period of time
for IU-FSU resulting in more rapid lepton depletion in
the core. More important to the neutrino signal, in GM3
convection ceases in the mantle by ! 5 seconds, whereas
convection in the mantle proceeds until ! 12 seconds in
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FIG. 3: Count rates as a function of time for a number of
1.6M! PNS models. Inset: The integrated number of counts
from 100 ms to 1 s divided by the total number of counts
for t > 0.1 second on the horizontal axis, and the number of
counts for t > 3 seconds divided by the total number of counts
for t > 0.1 second. Symbol sizes correspond to various neu-
tron star masses ranging from 1.2M! to 2.1M!. Colors corre-
spond to di!erent values of the Migdal parameter increasing
as the colors lighten (g" = 0.2, 0.6, 1.0), with the black points
being mean field results. The circles correspond to the GM3
EoS and the stars to the IU-FSU EoS.

IU-FSU. This di!erence can be directly attributed to the
di!erence in E!

sym between the two EoSs. As the mantle
contracts, the second term in equation 2 becomes increas-
ingly dominant and is eventually able to stabilize convec-
tion. The exact details of how convection proceeds will
depend on the initial conditions of the PNS. Still, qual-
itatively, increasing E!

sym will shut-o! convection at an
earlier time.

The depth to which convection penetrates in the core
and how long convection proceeds in the core is depen-
dent upon the opacities as well as the EoS. When only
mean field e!ects on the opacities are considered (i.e.
when the neutrino mean free path is shorter), convection
does not proceed all the way to the center of the PNS in
the GM3 models. When RPA e!ects are included, con-
vection does proceed to the central regions of the core.
An increased di!usion rate allows the core to heat up and
deleptonize more rapidly, thereby decreasing the stabi-
lizing lepton gradients and increasing the de-stabilizing
entropy gradients.

Of course, variations in the convective evolution of the
PNS are only interesting to the extent they are poten-
tially observable in the neutrino emission from a nearby
supernova. In figure 3 the expected neutrino count rates
for a detector similar to Super Kamiokande-III are shown
for a number of PNS cooling models. We have assumed
a threshold energy of 7.5 MeV, a detector mass of 50 kt,
a detector e"ciency above threshold of unity [14], and a
distance of 10 kpc to the supernova. Equipartition has

Roberts, Shen, Cirigliano, Pons, Reddy, Woosley (2011)

An intense neutrino source 
GM3: Large E′sym IUFSU: Small E′sym



Proto-Neutron Star Cooling with Convection and Nuclear Correlations

L.F. Roberts,1 G. Shen,2 V. Cirigliano,2 J.A. Pons,3 S. Reddy,2 and S.E. Woosley1

1Department of Astronomy, University of California, Santa Cruz
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3Department of Physics, University of Alicante, Alicante, Spain

We model neutrino emission from a newly born neutron star subsequent to a supernova explosion
to study its sensitivity to the equation of state, neutrino opacities, and convective instabilities at
high baryon density. We find the time period and spatial extent over which convection operates is
sensitive to the behavior of the nuclear symmetry energy at high density. When convection ends
within the proto-neutron star, there is a break in the predicted neutrino emission that should be
clearly observable.

PACS numbers:

The hot and dense proto neutron star (PNS) born sub-
sequent to core-collapse in a type II supernova explo-
sion is an intense source of neutrinos of all flavors. It
emits the 3 ! 5 " 1053 ergs of gravitational binding en-
ergy gained during collapse as neutrino radiation on a
time scale of tens of seconds as it contracts, becomes
increasingly neutron-rich and cools. Cooling of the PNS
and the concomitant neutrino emission are driven by neu-
trino di!usion and convection along the lepton number
and entropy gradients left behind within the PNS after
core-bounce, where the matter density and temperature
are in the range ! = 2 ! 6 " 1014 g/cm3 and T = 5 ! 40
MeV, respectively [4, 9, 13, 16, 25, 30]. While the su-
pernova explosion mechanism and associated fall back of
material is expected to influence the neutrino emission
at early time (i.e. t <# 1 s post bounce) the late time
neutrino signal is shaped by the the properties of the
PNS, such as the nuclear equation of state (EoS), neu-
trino opacities in dense matter, and other microphysical
properties that e!ect the cooling timescale by influencing
either neutrino di!usion or convection [17, 24, 25, 26].

Here, we present one-dimensional hydrostatic models
of PNS evolution out to late times over a wide range of
masses and for two EoSs. We include approximate con-
vective transport along with di!usive neutrino transport,
both consistent with the underlying EoS. This allows us
to gauge the importance of convection and the e!ect of
medium modifications to the neutrino opacities in dense
matter to the temporal characteristics of the neutrino
signal. The basic framework for PNS evolution is similar
to that described in [25], except that a treatment of con-
vection is included. We find that the behavior of the nu-
clear symmetry energy (which is a measure of the energy
di!erence between dense neutron matter and symmetric
nuclear matter) at high density significantly influences
convection and thereby e!ects the observable neutrino
signal.

Large scale convective overturn of material will di-
rectly transport energy and lepton number in the PNS
and alters the gradients along which neutrinos di!use,
thereby strongly a!ecting the neutrino signal. It has

long been recognized that the outer PNS mantle is un-
stable to convection soon after the passage of the super-
nova shock, due to negative entropy gradients [6]. This
early period of instability beneath the neutrino spheres
has been studied extensively in both one and two di-
mensions, with the hope that it could increase the neu-
trino luminosities enough to lead to a successful explosion
[2, 3, 5, 15, 22, 30]. Although the role of convection at
late times was studied in Refs. [3, 30], this work is the first
attempt at exploring its connection to the underlying mi-
crophysics and the interplay between modified opacities
and convection in shaping the observable neutrino signal.

We model convection as a di!usive process described
by standard time dependent mixing length theory [30].
In Ref. [2] it was shown that hydrodynamic simulations
in two-dimensions were well reproduced by a simple mix-
ing scheme in one-dimension, suggesting that this is a
reasonable approximation. Further, since convection pro-
ceeds e"ciently throughout our simulations, our results
are not particularly sensitive to the chosen mixing length.
The linear growth rates are obtained from the standard
Ledoux stability analysis as

"2 = ! g

#nB

(#s$ ln(s) + #YL$ ln(YL)) , (1)

where

#nB =
!

$ ln P

$ ln nB

"

s,YL

#s =
!

$ ln P

$ ln s

"

nB ,YL

#YL =
!

$ ln P

$ ln YL

"

nB ,s

and P, s, nB, YL are the pressure, entropy per baryon,
baryon number density and the fraction of leptons in
dense matter. Convective instability sets in for "2 > 0.
The form of the growth rate clearly implies that there
will be a strong interplay between the nuclear EoS and
the patterns of convection within the PNS.

In addition, the PNS may be subject to doubly di!u-
sive instabilities due to the lateral transport of composi-
tion and energy by neutrinos [1, 23, 30]. The early one-
dimensional work of [30] implied that neutron fingering
instabilities and convection enhanced the neutrino lumi-
nosity to successfully power a neutrino driven explosion.

Convection is driven by unstable gradients in entropy and 
lepton number. Convective growth rate:
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QMC (diamonds). The shaded regions correspond to various
experimental constraints taken from Ref. [29].

However, more recent two dimensional studies have found
no evidence of these doubly di!usive instabilities [2, 5].
Due to this and the increased complexity of treating the
doubly di!usive instabilities, we do not include them in
our models.

The e!ect of strong interactions on the EoS and the
neutrino interaction rates are modeled using a rela-
tivistic mean field (RMF) model for nuclear interac-
tions. We adopt a non-linear generalization of the orig-
inal Walecka model described in [8]. Here, the non-
perturbative nucleon-nucleon interactions are solved in
the mean field approximation using e!ective interactions,
which are tuned to reproduce the gross observed prop-
erties of nuclei and ab-intio calculations of low density
neutron matter[10]. Although empirical constraints and
ab-initio calculations provide valuable guidance to con-
strain some aspects of the symmetric nuclear equation of
state at nuclear densities, there are few constraints on
the properties of denser neutron-rich matter. This dif-
ference between the energies of symmetric matter (equal
numbers of neutrons and protons) and neutron matter is
called the symmetry energy, Esym(nB), is defined by the
relation E(nB, xp) = E(nB, xp = 1/2)+Esym(nB)!2+· · ·.
Here, ! = (1!2xp) and E(nB, xp) is the energy per parti-
cle of uniform matter composed of neutrons and protons
with baryon density nB and proton fraction xp. In charge
neutral matter xp = Ye where Ye is the electron fraction.
Quite generically, the contribution of higher terms in the
! expansion are relatively small even at xp " 0.

Recent work has shown that derivative of the symme-
try energy with respect to density denoted as E!

sym =
"Esym/"nB plays a crucial role both in the terrestrial
context where it a!ects the neutron density distribution
in neutron-rich nuclei and in astrophysics where it a!ects
the structure and thermal evolution of neutron stars (for
a recent review see Ref. [28]). The pressure of neutron

matter at saturation density, Pneutron(n0) = n2
0E

!
sym, in-

fluences the radius of cold neutron stars [19]. In neutron-
rich nuclei, the neutron-skin thickness is also sensitive to
E!

sym(#0), so that there exists a linear correlation between
the neutron-skin thickness and neutron star radius [12].
Here we demonstrate for the first time that E!

sym(#0)
plays a role in stabilizing the convection at late times
and thereby directly e!ects the neutrino signal. Clearly
$s and $nB will always be positive, so that negative en-
tropy gradients will cause instability. In contrast the sign
and magnitude of $YL is determined by the density de-
pendence of the nuclear asymmetry energy, so that nega-
tive gradients in lepton number can be either stabilizing
or destabilizing. To clarify this we note that at T = 0 and
when the neutrino contribution to the pressure is small

!
"P

"YL

"

nB

" n4/3
B Y 1/3

e ! 4n2
BE!

sym(1 ! 2Ye). (2)

The first term comes from the electron contribution to
the pressure, while the second term is due to nucleons
and is negative since both the Fermi and interaction en-
ergies favor a symmetric state. For high densities and
low electron fractions, for realistic values of E!

sym, this
leads to negative $YL . Therefore, a larger E!

sym leads to
negative lepton gradients in the PNS providing a larger
stabilizing influence.

To study the sensitivity of PNS evolution to the nu-
clear symmetry energy we employ two RMF models with
di!erent predictions for E!

sym(#0). The IU-FSU param-
eter set has a compressibility Ksym(n0) = 231.2 MeV, a
nuclear asymmetry energy Esym(n0) = 33.4 MeV, and
n0E!

sym(n0) = 17.4 MeV. The second EoS employed is
the GM3 parameter set, where non-linear coupling of
the vector meson fields are neglected [11]. This EoS
has Ksym(n0) = 240 MeV, Esym(n0) = 34.6 MeV, and
n0E!

sym(n0) = 32 MeV at nuclear density. The symme-
try energy as a function of density is shown in figure 1
for the two EoS. The inset in Fig. 1 shows current the-
oretical estimates and experimental constraints on Esym

and E!
sym at nuclear saturation density.

Medium modification of the neutrino interaction rates
also influence PNS evolution. These e!ects have been
investigated in earlier work where neutrino scattering
and absorption rates on nucleons and leptons were calcu-
lated within the relativistic random phase approximation
(RPA) [27]. Here, the e!ects of due strong and electro-
magnetic correlations, degeneracy, and relativistic cur-
rents are included in a similar way. Further, the e!ective
interactions we employ in the RPA are obtained from the
same underlying model for the EoS to ensure that corre-
lation functions which determine the neutrino scattering
kernels satisfy the generalized compressibility sum-rules
consistent with the EoS. Because the axial portion of
the response accounts for the majority of the neutrino
scattering cross-section, the presence of an axial inter-
action can strongly a!ect the total neutrino mean free

The nuclear symmetry energy is key to understanding 
composition driven convective instabilities: 

Roberts, Shen, Cirigliano, Pons, Reddy, Woosley (2011)



Observable signatures of convective transport
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tion (bottom panels) in a 1.6M! rest mass PNS for the GM3
EoS (left panels) and the IU-FSU EoS (right panels). The
grayed regions are convectively unstable. The labels corre-
spond to the model times in seconds.

path. To take this into account, we introduce an e!ec-
tive short-range interaction in the spin channel through
the Migdal parameter, g! [18]. The strength of this inter-
action is tuned to reproduce the spin-suscpetibitly of neu-
tron matter obtained from microscopic calculations [7].
For densities above nuclear saturation, the RPA causes a
significant enhancement of the mean free path relative to
the mean field approximation due to the repulsive nature
of the nuclear interaction at high density. This should be
considered as only a first approximation to the actual
response of the nuclear medium, as we only include sin-
gle particle-hole excitations and it has been shown that
multi-particle-hole excitations may be important in de-
termining the axial current component of the neutrino
opacity [21].

We now consider the evolution of the internal structure
of the PNS with convection and varying prescriptions for
the opacities. In figure 2, the evolution of the entropy
and electron fraction for the two equations of state are
shown. Over the first second in both models, convection
smoothes the entropy and lepton gradients in the outer
regions to a state close to neutral buoyancy. GM3 has
a slightly steeper entropy gradient because of its larger
E!

sym than IU-FSU. This results in a slightly larger neu-
trino luminosity at early times for GM3. As time pro-
gresses, convection steadily digs deeper into the core of
the PNS. For both EoSs, convection proceeds all the way
to the core by 15 seconds into the simulation, but it lasts
in the interior regions for a much longer period of time
for IU-FSU resulting in more rapid lepton depletion in
the core. More important to the neutrino signal, in GM3
convection ceases in the mantle by ! 5 seconds, whereas
convection in the mantle proceeds until ! 12 seconds in
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1.6M! PNS models. Inset: The integrated number of counts
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being mean field results. The circles correspond to the GM3
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IU-FSU. This di!erence can be directly attributed to the
di!erence in E!

sym between the two EoSs. As the mantle
contracts, the second term in equation 2 becomes increas-
ingly dominant and is eventually able to stabilize convec-
tion. The exact details of how convection proceeds will
depend on the initial conditions of the PNS. Still, qual-
itatively, increasing E!

sym will shut-o! convection at an
earlier time.

The depth to which convection penetrates in the core
and how long convection proceeds in the core is depen-
dent upon the opacities as well as the EoS. When only
mean field e!ects on the opacities are considered (i.e.
when the neutrino mean free path is shorter), convection
does not proceed all the way to the center of the PNS in
the GM3 models. When RPA e!ects are included, con-
vection does proceed to the central regions of the core.
An increased di!usion rate allows the core to heat up and
deleptonize more rapidly, thereby decreasing the stabi-
lizing lepton gradients and increasing the de-stabilizing
entropy gradients.

Of course, variations in the convective evolution of the
PNS are only interesting to the extent they are poten-
tially observable in the neutrino emission from a nearby
supernova. In figure 3 the expected neutrino count rates
for a detector similar to Super Kamiokande-III are shown
for a number of PNS cooling models. We have assumed
a threshold energy of 7.5 MeV, a detector mass of 50 kt,
a detector e"ciency above threshold of unity [14], and a
distance of 10 kpc to the supernova. Equipartition has

Count rate in 
Super-
Kamiokande   
for galactic 
supernova at 
10 kpc.



NECESSARY CONDITIONS FOR R-PROCESS

High neutron to seed ratio is needed to populate 
the observed A~130 and A ~ 190 peaks. 

This requires:  

• High entropy per baryon.
• Short expansion time. 
• Low Ye . 

} Hydrodynamics, 
Magnetic Fields, etc 

} Neutrino Spectra

Neutrino spectra emerging from the proto-neutron star are 
sensitive to the nuclear symmetry energy at low density? 

(in supernova) 



Wind models and electron fraction

Arcones et al 2007

Fischer et al 2009

Neutrino energies change with more realistic neutrino physics input
More recent simulations obtain lower antineutrino energies and therefore proton-rich conditions

Lea/Len = 1
Lea/Len = 1.1

Qian & Woosley 1996

Hüdepohl et al 2009

Woosley et al 1994

Ye & Neutrino Spectra

Qian & Woosley (1996)

Larger spectral differences imply lower Ye 



Reactions in the Neutrinosphere
MU- AND TAU-NEUTRINO SPECTRA FORMATION IN SNe 891

FIG. 1.ÈSchematic picture of neutrino spectra formation in the atmo-
sphere of an SN core.

The other Ñavors interact with the medium primarily by
neutral-current collisions on nucleons lN % Nl, a reaction
that is subdominant for the electron Ñavor. The nucleon
mass m \ 938 MeV is much larger than the relevant tem-
peratures, which are around T \ 10 MeV, so that energy
exchange between neutrinos and nucleons is inefficient.
However, nucleon-nucleon bremsstrahlung NN % NNll6 ,
as well as the leptonic processes and le % el,e`e~ % ll6
allow for the exchange of energy and the creation or
destruction of neutrino pairs and thus keep neutrinos in
local thermal equilibrium up to a radius at which these
reactions freeze out, the ““ energy sphere.ÏÏ However, the neu-
trinos are still trapped by lN % Nl up to the ““ transport
sphere, ÏÏ whence they stream freely. Between the energy and
transport spheres, neutrinos propagate by di†usion. This
region plays the role of a scattering atmosphere.

In all numerical simulations of SN neutrino transport the
neutrino collisions in the scattering atmosphere were
treated as isoenergetic so that the energy of the outgoingv2neutrino in lN ] Nl was set equal to the energy of thev1initial state. The main motivation for this approximation
was its numerical simplicity and the lack of a compelling
interest in details of the emerging and spectra. It islk lqclear, however, that isoenergetic collisions are not a particu-
larly good approximation. In Figure 2 we show the dis-
tribution of !nal-state energies when MeV andv2 v1 \ 30
the medium temperature is 10 MeV. A typical nucleon
velocity is then about 20% of the speed of light, so that it is
not surprising that even after a single collision the neutrino
energy is considerably smeared out. Since neutrinos interact
many times in the scattering atmosphere and since the
medium temperature decreases between the energy and
transport spheres, there can be a signi!cant downward
adjustment of the neutrino energies (Janka et al. 1996 ; Han-
nestad & Ra†elt 1998). The main purpose of the present
paper is to provide a conceptual understanding and a quan-
titative estimate of the magnitude of this e†ect.

To address this problem, we simplify the model of Figure
1. The very concept of an energy sphere suggests that one
should think of it as a source of thermal neutrinos that
subsequently di†use through the scattering atmosphere.
Taking this concept literally amounts to the simple picture

FIG. 2.ÈDistribution of !nal-state energies of a neutrino with initialv2energy MeV, scattering on nondegenerate nucleons in thermalv1 \ 30
equilibrium with T \ 10 MeV. Details of how to calculate this plot are
described in Appendix B1.

illustrated in Figure 3. One no longer worries about
detailed processes like NN bremsstrahlung to thermalize
the neutrinos, but instead one directly feeds a thermal Ñux
into the scattering atmosphere.

Section 2 of our paper is devoted to showing that this
simple picture actually provides a surprisingly accurate rep-
resentation of the spectra formation problem. The neutrinos
streaming o† the transport sphere then have Ñuxes and
spectra that depend only on the temperature and theTESthermally averaged transport optical depth at theq6 ESenergy sphere, which here coincides with the bottom of the
scattering atmosphere.

As a next step, in ° 3 we study a scattering atmosphere
with a blackbody boundary condition at the bottom and
with isoenergetic lN collisions as the only neutrino inter-
action channel. We derive an explicit relationship between

and the spectral Ñux temperature of the escapingTES Tfluxneutrinos as a function of Comparing with full-scaleq6 ES.numerical simulations indicates that this exceedingly simple
model accounts for the main features of the andlk lqspectra.

Then in ° 4 we include nucleon recoils in this model. We
consider di†erent types of temperature pro!les to estimate
the shift of the Ñux temperature and identify the critical
parameters that govern *Tflux.In ° 5 we summarize and discuss our !ndings. Many
technical details, especially regarding our implementation
of neutrino-nucleon interactions with recoil energy transfer

FIG. 3.ÈSchematic picture of our simpli!ed treatment of the scattering
atmosphere. is the medium temperature at the energy sphere.TES

Raffelt (2001)
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CHARGED CURRENT OPACITY

•  Final state electron blocking is strong for electron neutrino 
absorption reaction. 

•  Asymmetry between mean field energy between neutrons 
and protons alters the kinematics. 

•Multi-particle initial and final states can also move response to 
high energy. 

νe + n → p+ e−

ν̄e + p → n+ e+⎨

q0 ≈ ∆U = Un − Up

νe e−

n p Reddy, Prakash & Lattimer (1998)
Roberts (2012)
Martinez-Pinedo et al. (2012)
Roberts & Reddy (2012)

Large q0  crucial to 
overcome blocking
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MEAN FIELD ENERGY SHIFT & DAMPING

q0 = En(p)− Ep(p+ q) � pq

2m∗
n

+ (mn −mp) + (Un − Up)

En(p) ≈ mn +
p2

2m∗
n

+ Un + i Γn

Ep(p+ q) ≈ mp +
(p+ q)2

2m∗
n

+ Up + i Γp

Energy Transfer in the Charged Current Process:  

≈ 0

∆U = Un − Up ≈ 40
nn − np

n0
MeV

� 1.3 MeV



SPECTRA AT LATE TIMES

•Decoupling occurs at 
relatively high density.

• Spectra influenced by 
nuclear correlations. 

0

5

10

15

20

(M
eV

)

10-4

10-3

10-2

n B
 (f

m
-3

)

10 20 30 40 50
 (MeV)

0

0.04

0.08

0.12
Y

e

T

U

Figures from PNS simulations by Roberts (2012)

0 10 20 30 40
 (MeV)

0

5!1049

1!1050

2!1050

2!1050

L
e (e

rg
 s-1

 M
eV

-1
)

0 10 20 30 40
0

49

50

50



ABSORPTION RATES

•Mean field energy shift helps 
overcome electron final 
state blocking. 

• Enhances νe absorption

• Larger energy needed to 
produce neutrons 
suppresses anti-νe 
absorption. 
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2

sphere because, by definition, this material can e!ciently lose net electron neutrino number. At these densities, e"ects
due to strong interactions modify the equation of state and the beta-equilibrium abundances of neutron and protons.
Simple models for the nuclear equation of state predict that the nucleon potential energy is

Un/p ! Vis (nn + np) ± Viv (nn " np) , (1)

where Vis and Viv are the e"ective iso-scalar and iso-vector potentials. Empirical properties of nuclear matter and
neutron-rich matter suggest that Vis # n0 ! "50 MeV and Viv # n0 ! 20 MeV. The potential energy associated with
n $ p conversion in the medium is

#U = Un " Up ! 40 #
(nn " np)

n0
MeV, (2)

where n0 = 0.16 nucleons/fm3 is the number density at saturation. It will be shown that #U changes the kinematics
of charge current reactions, so that the Q-value for the reaction !e + n $ e! + p is enhanced by #U while that for
!̄e + p $ e+ + n is reduced by the same amount. The e"ect is similar to the enhancement due to the neutron-proton
mass di"erence, but is larger when the number density n > n0/20.

In section II, charged current neutrino opacities in an interacting medium are discussed. We consider how mean
fields a"ect the response of the medium in detail and how this depends on the properties of the nuclear equation of
state. The a"ect of nuclear correlations and multi-particle hole excitations are also discussed. In section III, the e"ect
of variations of the charged current reaction rates on the properties of the emitted neutrinos is studied.

II. THE CHARGED CURRENT RESPONSE

The di"erential absorption rate for electron neutrinos by the process !e + n $ e! + p is given by

d$

cos "dEe
=

G2
F

2#
pe Ee (1 " fe(Ee)) #

!

(1 + cos ")S! (q0, q) + g2
A(3 " cos ")S"! (q0, q)

"

(3)

where S! (q0, q) and S"! (q0, q) are the response functions associated with the Fermi and Gamow-Teller operators,
$+ and %$+, respectively. The energy transfer to the nuclear medium is q0 = E# " Ee, and the magnitude of the
momentum transfer to the medium is q2 = E2

# + E2
e " 2E#Ee cos ". In a non-interacting Fermi gas, the response

functions S! (q0, q) = S"! (q0, q) = SF(q0, q) given by

SF(q0, q) =
1

2#2

#

d3p2&(q0 + E2 " E4)f2(1 " f4), (4)

where the particle labeled 2 is the incoming nucleon, the particle labeled 4 is the outgoing nucleon. When the
dispersion relation for nucleons is given by E(p) = M +p2/2M , and neglecting for simplicity the neutron-proton mass
di"erence, the integrals in Eq. 4 can be performed to obtain

SF(q0, q) =
$

1 " e!z
%

!1
Im %F (5)

where z = (q0 + µ2 " µ4)/T and

Im %F =
M2T

#q
ln

&

exp [(emin " µ2) /T ] + 1

exp [(emin " µ2) /T ] + exp ["z]

'

, (6)

is the free particle-hole polarization function. µ2 and µ4 are the chemical potentials of the incoming and outgoing
nucleons, M is the nucleon mass, and

emin =
M

2q2

(

q0 "
q2

2M

)2

. (7)

emin arises from the kinematic restrictions imposed by the energy-momentum transfer and the energy conserving delta
function. Physically, emin is the minimum energy of the nucleon in the initial state that can accept momentum q and
energy q0.
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Figure 3.5: Top panel: First energy moment of the outgoing electron neutrino and antineutrino
as a function of time in three PNS cooling simulations. The solid lines are the average energies
of the electron neutrinos and the dashed lines are for electron antineutrinos. The black lines
correspond to a model which employed the GM3 equation of state, the red lines to a model which
employed the IU-FSU equation of state, and the green lines to a model which ignored mean field
e!ects on the neutrino opacities (but used the GM3 equation of state). Bottom panel: Predicted
neutrino driven wind electron fraction as a function of time for the three models shown in the
top panel (solid lines), as well as two models with the bremsstrahlung rate reduced by a factor
of four (dot-dashed lines). The colors are the same as in the top panel.
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CONCLUSIONS

• Several neutron star and supernova observables are sensitive 
to the density dependence of the symmetry energy. 

•We already have some hints from astrophysics about the 
behavior of the neutron matter EoS.  

• Extrapolations to relevant densities will rely on our 
understanding of many-body forces. 

• Key aspects of neutrino emission from supernova depend on 
the symmetry energy at relatively low density.   


